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Elementi + abbondanti
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1.2 Composition clouds
Cosmic (solar) abundances elements

4.3×10-5Fe2.1×10-6Na

2.2×10-6Ca5.5×10-4O

1.7×10-5S8.5×10-5N

4.3×10-5Si3.5×10-4C

3.1×10-6Al0.075He

4.2×10-5Mg1.00H

AbundanceElementAbundanceElement

- Precise values for C, N and O under discussion because of revision of solar abundances

Nell’universo



Origine elementi

Cattedra Fermi 2019 – G. Tinetti

PH VSICAL REVIEW VOLUME 73, NUM HER 7 AP RI L 1, 1948

: etters to t.ze . 'a.itor
UBLICA TION of brief reports of important discoveries

~

~

~

~

~

~

~in physics may be secured by addressing them to this
department. The closing date for this department is five ueeks
prior to the date ofissue. ¹ proof a@ill be sent to the authors.
The Board of Editors does not hold itself responsible for the
opinions expressed by the correspondents. Communications
should not exceed 600 words in length.

The Origin of Chemical Elements
R. A. ALPHER+

Applied Physics Laboratory, The Johns Hopkins Un&rersity,
Silver Spring, Maryland

AND

H. BETHE
Cornell University, Ithaca, %em York

G. GAMow
The George Washington University, 8'ashington, D. C.

February 18, 1948

A S pointed out by one of us, ' various nuclear species
must have originated not as the result of an equilib-

rium corresponding to a certain temperature and density,
but rather as a consequence of a continuous building-up
process arrested by a rapid expansion and cooling of the
primordial matter. According to this picture, we must
imagine the early stage of matter as a highly compressed
neutron gas (overheated neutral nuclear Quid) which
started decaying into protons and electrons when the gas
pressure fell down as the result of universal expansion. The
radiative capture of the still remaining neutrons by the
newly formed protons must have led first to the formation
of deuterium nuclei, and the subsequent neutron captures
resulted in the building up of heavier and heavier nuclei. It
must be remembered that, due to the comparatively short
time allowed for this procgss, ' the building up of heavier
nuclei must have proceeded just above the upper fringe of
the stable elements (short-lived Fermi elements), and the
present frequency distribution of various atomic species
was attained only somewhat later as the result of adjust-
ment of their electric charges by P-decay.
Thus the observed slope of the abundance curve must

not be related to the temperature of the original neutron
gas, but rather to the time period permitted by the expan-
sion process. Also, the individual abundances of various
nuclear species must depend not so much on their intrinsic
stabilities (mass defects) as on the values of their neutron
capture cross sections. The equations governing such a
building-up process apparently can be written in the form:

We may remark at first that the building-up process was
apparently completed when the temperature of the neutron
gas was still rather high, since otherwise the observed
abundances would have been strongly affected by the
resonances in the region of the slow neutrons. According to
Hughes, 2 the neutron capture cross sections of various
elements (for neutron energies of about 1 Mev) increase
exponentially with atomic number halfway up the periodic
system, remaining approximately constant for heavier
elements.
Using these cross sections, one finds by integrating

Eqs. (1)as shown in Fig. 1 that the relative abundances of
various nuclear species decrease rapidly for the lighter
elements and remain approximately constant for the ele-
ments heavier than silver. In order to fit the calculated
curve with the observed abundances' it is necessary to
assume thy integral of p„dt during the building-up period is
equal to 5X104 g sec./cm'.
On the other hand, according to the relativistic theory of

the expanding universe4 the density dependence on time is
given by p—10'/t~. Since the integral of this expression
diverges at t =0, it is necessary to assume that the building-
up process began at a certain time to, satisfying the
relation:

J (10'jt')dt =5X104,
&0

(2)

CAt ClMlKO

-2

which gives us to=20 sec. and p0=2.5)&105g sec./cm'. This
result may have two meanings: (a) for the higher densities
existing prior to that time the temperature of the neutron
gas was so high that no aggregation was taking place, (b)
the density of the universe never exceeded the value
2.5 )& 10' g sec./cm' which can possibly be understood if we

lsd—=f(t)(;,n; —;n;) i=1,2," 238 '0 /50 BO

where n; and a;. are the relative numbers and capture cross
sections for the nuclei of atomic weight i, and where f(t) is a
factor characterizing the decrease of the density with time.
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I primi 3 minuti…
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Coc et al, 2014

Nucleo-sintesi da Big-Bang dopo missione Planck

Table 3. Comparison with observations

This work Observations
Yp* 0.2461–0.2466 0.2465 ± 0.0097

D/H (×10−5) 2.57–2.72 2.53 ± 0.04
3He/H (×10−5) 1.02–1.08 1.1 ± 0.2
7Li/H (×10−10) 4.56–5.34 1.58+0.35

−0.28

* See text in § 3.

0.16 and 0.84 quantile [46] of the distributions. The corresponding confidence intervals at
ηCMB are displayed in Table 4 and are orders of magnitude below observations (§ 2.2).

Table 4. 6Li to CNO primordial abundances by number.

Ref. [17] This work
6Li/H (×10−14) 1.23 0.90–1.77
9Be/H (×10−19) 9.60 5.10–26.3
11B/H (×10−16) 3.05 1.85–3.56
CNO/H (×10−16) 7.43 4.94–28.5

Figure 4 displays the histogram of CNO/H obtained from our Monte Carlo calculation,
from which it is possible to extract the 0.16, 0.5 and 0.84 quantile, respectively given by
4.94×10−16, 9.63×10−16 and 2.85×10−15. This is very close to the range CNO/H = (0.5 −
3.) × 10−15 estimated by Coc et al. [16] from the results of Coc et al. [17]. However, at
high value, the tail of the distribution (≈3%) extends to values much above the CNO/H
= 10−13 limit. At first, it seems straightforward to extract the subset of events, for which
e.g. CNO/H> 10−13, and examine the corresponding sampled reaction rates (i.e. the pk’s
in Eq. 4.3) that are stored together with the final abundances in a database. However, since
all ≈400 pk’s are different from one realisation to the other, it was not possible to identify
combination of reaction rates that produced such an effect. To identify those combinations of
reaction rates that allows such high value, we relied upon the calculated correlations between
rates and yields.

This method is complementary to the one used by Coc et al. [17], in which a single reac-
tion was tested at a time by changing its rate by factors of 10n, n = −3,−2,−1, 1, 2, 3. Here
all rates are simultaneously changed by factors, different for each reaction, and randomly
sampled as described above. This allows to identify sub-networks rather than individual
reactions and takes into account the different uncertainty factors. Results are displayed in
Tables 5–12 when their absolute value exceed 10%. 4 Note however that a higher sensitivity,
as calculated in Coc & Vangioni [15], Coc et al. [17], does not necessarily correspond to a
higher correlation as calculated here. Our previous sensitivity studies assumed an arbitrary
±15% rate variation [15] or a factor of up to 1000 rate variation [17]. Here, while, when
sampling the rates, we still allow for large arbitrary rate variations for reactions with no

4 We use this simple criterium but are aware that more sophisticated criteria need to be developed: see
e.g. Fig. 6 in Iliadis et al. [36].
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Il picco del ferro
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⭐ Elementi + leggeri del Fe: fusione nucleare 
crea energia, fissione la consuma

⭐ Per Fe ed elementi + pesanti: il contrario



Abbondanze chimiche
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Nucleosintesi
stellare

Supernovae e 
stelle massiccie



Nucleosintesi
elementi
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Stelle popolazione III

Cattedra Fermi 2019 – G. Tinetti

⭐ Stelle formate nei primi 10 milioni di anni dopo Big Bang

⭐ Metallicità ~ 0

⭐ Non esistono più, ma influenzarono l’universo giovane

⭐ Formate da nuvole molecolari primordiali

⭐ Prime stelle esplodono come supernovae, si formano elementi 
pesanti che aiutano il raffreddamento dell’universo primordiale

⭐ Masse stellari ~1-1000 M☉ ????



Stelle popolazione II
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⭐ Stelle vecchie

⭐ Bassa metallicità

⭐ Sono localizzate nell’alone 

Baade, 1944



Stelle popolazione I
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⭐ Stelle giovani

⭐ Alta metallicità

⭐ Comuni nei bracci a spirale della 
galassia

⭐ Il Sole è di questo tipo

⭐ Verso il centro della galassia ci sono 
stelle ancora + giovani

Baade, 1944



Supernovae
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⭐ L’esplosione dura una frazione di 
secondo

⭐ L’urto con il mezzo interstellare 
genera raggi X

⭐ L’espansione dura per milioni d’anni

⭐ ~ 100 supernovae nella via Lattea
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Abbondanze elementari
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Nella nostra galassia: poca varietà



Abbondanze elementari
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In altre galassie
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Il ciclo degli elementi
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gas. This heat is then radiated away through thermal emission in the far-infrared
part of the spectrum as observed for example with the Herschel Space Observa-
tory.

Fig. 2 Various stages in the lifecycle of gas, dust and ice in interstellar and circumstellar
clouds. Figure by M. Persson; credit NASA/ESA/ESO/ALMA for pictures.

2.2 Birth and death of stars

Figure 2 illustrates the cycle of material from clouds to stars and planets, and ulti-
mately back to the interstellar medium. Diffuse clouds are low-density clouds (∼
100 cm−3) in which UV radiation can penetrate and destroy molecules. They are
usually transient structures in the interstellar medium. Dense molecular clouds
can be stable for millions of years due to support by turbulence and magnetic
fields, but eventually gravity takes over and the densest part of the cloud col-
lapses to form a new star. In the standard scenario, the collapse occurs inside out
so the protostar at the center of the cloud continues to grow as material from the
envelope accretes onto the star. Because of angular momentum conservation, the
material that falls in at later times ends up in a disk around the star where the
gas is in Keplerian rotation. Further accretion of material takes place in the in-
nermost part of the disk in magneto-hydrodynamically (MHD) mediated funnel
flows onto the star. The MHD processes near the disk-star boundary also result in
jets and winds which can escape in a direction perpendicular to the disk. When
they interact with the surrounding envelope and cloud, they create shocks and
entrain material in bipolar outflows.

With time (∼1 Myr=106yr), the opening angle of the wind increases and the
envelope is gradually dispersed, revealing a young pre-main sequence star sur-
rounded by a so-called protoplanetary disk. These disks are about the same size

4 | 1–39



E le molecule?
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⭐ Le molecule si trovano ovunque

⭐ Condizioni tipiche:

⭐ Nubi diffuse: T~100K; n~100 cm-3

⭐ Nubi dense: T~10-100K; n~104-108 cm-3

⭐ Nuclei caldi: T~100-1000K; n~106-108 cm-3

⭐ Dischi: T~10-1000K; n~108-1013 cm-3

⭐ Sulla terra: T~300K; n~3 1019 cm-3



Grani di polvere
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Esotici Laboratori di chimica molecolare



Grani di polvere
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Esotici Laboratori di chimica molecolare



Molecole osservate
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Infrared: absorption gas and solids

Vibrational transitions of gases and solids

Continuum due to hot dust

Absorption by cold dust

Wavelength

Flux

104 cm-3

107 cm-3

Nel mezzo interstellare



Molecole osservate
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Millimeter spectra: myriads of lines!

- Ultra-high precision spectroscopy (accuracy > 1:106)
- Not all lines identified

Gibb et al. 2000

G327.3
Massive YSO

Nel mezzo interstellare



Molecole osservate
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Nel mezzo interstellare: ~ 200 molecole complesse scoperte

Lista completa:

https://en.wikipedia.org/wiki/List_of_interstellar_and_circumstell
ar_molecules

https://www.cv.nrao.edu/~awootten/allmols.html

https://en.wikipedia.org/wiki/List_of_interstellar_and_circumstellar_molecules
https://www.cv.nrao.edu/~awootten/allmols.html


Nubi molecolari
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104-105 cm-3

T~10K

H2 + 1% polveri

Dense e fredde!



Nubi molecolari
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Opache nell’ottico, trasparenti nell’infrarosso
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È difficile formare una stella…
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⭐ Collasso gravitazionale:

⭐ Si va dal Parsec (~3 ×1013 km) 
all’AU (1.5 ×108 km)!
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⭐ Remano contro il collasso gravitazionale:

⭐ Termodinamica

⭐ Momento angolare

⭐ Campi magnetici

È difficile formare una stella…
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⭐ Remano contro il collasso gravitazionale:
⭐ Termodinamica

⭐ Soluzione:
⭐ Polveri

È difficile formare una stella…
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⭐ Remano contro il collasso gravitazionale:
⭐ Momento angolare

⭐ Soluzione:
⭐ Dischi e getti

È difficile formare una stella…
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⭐ Remano contro il collasso gravitazionale:
⭐ Campi magnetici

⭐ Soluzione:
⭐ Regolano l’accrescimento della stella e 

connessione stella disco

AA54CH05-Hartmann ARI 26 August 2016 6:43

Accretion shock
Accretion flows

Inner 
gas disk

Hot continuum 
emission (T ≈ 8,000 K);
some narrow lines;
X-rays?

Broad emission lines
(T ≈ 104 K)

Inner hot 
dust wall

?
?

?

Dusty disk

Disk wind/jet Low-velocity 
disk wind?

Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,

www.annualreviews.org • Accretion onto Pre-Main-Sequence Stars 137
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È difficile formare una stella…

Hartmann l. et al., Annu. Rev. Astron. Astrophys. 2016. 54:135–80 
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⭐ Collasso gravitazionale: 
⭐ Si va dal Parsec (~3 ×1013 km) all’AU (1.5 ×108 km)!

⭐ Soluzione:
⭐ Filamenti e nuclei-prestellari

È difficile formare una stella…
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ESA Herschel
⭐ Ha operato dal 2009 al 2013

⭐ Il suo specchio di 3,5 metri di 
diametro è il più grande mai 
messo in orbita. 

⭐ Ha potuto studiare l’Universo 
nelle lunghezze d’onda 
dell’infrarosso e del 
submillimetrico
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ESA Herschel: filamenti

2 Ph. André

translucent cloud (e.g. Heithausen et al. 2002). The main scientific goals of the HGBS are
to clarify the nature of the relationship between the prestellar core mass function (CMF)
and the stellar IMF (cf. § 3 below) and to elucidate the physical mechanisms responsible
for the formation of prestellar cores out of the di↵use ISM (cf. § 5 and § 7).

This paper presents an overview of the first results obtained with Herschel on nearby
star-forming clouds. Section 2 emphasizes the universality of the filamentary structure
revealed by Herschel in the cold ISM. Section 3 presents preliminary results obtained
on the global properties of prestellar dense cores. Section 4 summarizes a few theoretical
considerations on the gravitational instability of filamentary clouds. Section 5 presents
the observational evidence of a column density threshold for the formation of prestellar
cores and shows how this can be interpreted in terms of the gravitational instability
threshold of interstellar filaments. Section 6 discusses implications of the Herschel results
on filaments and cores for our understanding of the origin of the IMF and the global rate
of star formation in galaxies. Finally, Sect. 7 concludes by summarizing the scenario of
star formation emerging from the Herschel results.

Figure 1. Left: Herschel/SPIRE 250 µm dust continuum map of a portion of the Polaris flare
translucent cloud (d ⇠ 150 pc) taken as part of the HGBS survey (e.g. Miville-Deschênes et al.
2010, Ward-Thompson et al. 2010). Right: Corresponding column density map derived from
Herschel data (André et al. 2010). The contrast of the filaments has been enhanced using a
curvelet transform (cf. Starck et al. 2003). The skeleton of the filament network identified with
the DisPerSE algorithm (Sousbie 2011) is shown in light blue. Given the typical filament width
⇠ 0.1 pc (Arzoumanian et al. 2011 – see Fig. 4 below), this column density map is equivalent
to a map of the mass per unit length along the filaments (see color scale on the right).

2. Universality of the filamentary structure in the cold ISM

The high quality and dynamic range of the Herschel images are such that they provide
key information on the structure of molecular clouds on a wide range of spatial scales
from the size of entire cloud complexes ( >⇠ 10 pc) down to the scale of individual dense
cores (< 0.1 pc). In particular, one of the most spectacular early findings made with

André, 2013, 2017
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Herschel View of Star Formation 5

80 Chapter 7. Statistical properties of the filament sample

Figure 7.7: Dist ribut ion of deconvolved FWHM widths for the 278 filaments (black solid
histogram, filled in orange). The median width is 0.09 pc and the standard deviat ion of the
dist ribut ion is0.04 pc. For comparison, thebluedashed histogram represents thedist ribut ion
of central Jeans lengths corresponding to the central column densit ies of the filaments [�J =
c
2
s/ (G⌃0)] for a gas temperature of 10 K. The largest values of �J go up to 3.5 pc.

dist ribut ion of central Jeans lengths [�J (r = 0) = c
2
s/ (G⌃r=0)] from ⇠ 0.008 pc to > 3.5 pc,

which is much broader than the observed dist ribut ion of widths.
Fig. 7.8 shows the filament widths as a funct ion of the background subtracted central

column densit ies. On this figure one can see the three orders of magnitude in column density
spanned by the filament sample which is on the other hand characterized by a narrow dis-
t ribut ion of central width. The lack of ant i-correlat ion between filament width and central
column density is surprising, since onewould naively expect the filament widths to scalewith
their Jeans lengths, represented by the solid line running from top left to bot tom right in
Fig. 7.8. For instance, such an ant i-correlat ion would be expected for isothermal filaments in
hydrostat ic equilibrium (Ostriker 1964). Fig. 7.8 implies that the filaments cannot be fully
described as isothermal cylinders in hydrostat ic equilibrium.

The horizontal dot ted lines in Fig. 7.8 show the resolut ion limits of the column density
maps used to construct the filament profiles. All the measured widths of the filaments are
larger than the resolut ion limit of theobservat ions, which seem to bea physical characterist ic
of the observed filaments and not a�ected by the resolut ion limit of Herschel data (cf, next
paragraph).

To check that the measured filament widths were not st rongly a�ected by the finite
resolut ion of the column density map, the same radial profile analysis was performed on both
the original and the high resolut ion column density map, respect ively, and the results were
very consistent for all the regions, even for filaments at relat ively large distances such as
IC5146.

Figure 4. Histogram of deconvolved FWHM widths for a sample of 278 filaments in 8 nearby
regions of the Gould Belt, all observed with Herschel (at e↵ective spatial resolutions ranging
from ⇠ 0.01 pc to ⇠ 0.04 pc) and analyzed in the same way. The distribution of filament widths
is narrow with a median value of 0.09 pc and a standard deviation of 0.04 pc. In contrast, the
distribution of Jeans lengths corresponding to the central column densities of the filaments (blue
dashed histogram) is much broader. (Adapted from Arzoumanian et al. 2011.)

2012). Alternatively, the characteristic width may also be understood if interstellar fil-
aments are formed as quasi-equilibrium structures in pressure balance with a typical
ambient ISM pressure Pext⇠2�5⇥104 K cm�3 (Fischera & Martin 2012; Inutsuka et al.,
in prep.).

3. Dense cores and their ensemble properties as derived from
Herschel observations

As prestellar cores and deeply embedded protostars emit the bulk of their luminosity at
far-infrared and submillimeter wavelengths, Herschel observations are also ideally suited
for taking a sensitive census of such cold objects in nearby molecular cloud complexes.
This is indeed one of the main observational objectives of the Herschel Gould Belt survey
(HGBS).

Conceptually, a dense core is an individual fragment or local overdensity which corre-
sponds to a local minimum in the gravitational potential of a molecular cloud. A starless
core is a dense core with no central protostellar object. A prestellar core may be defined
as a dense core which is both starless and self-gravitating. In other words, a prestellar
core is a self-gravitating condensation of gas and dust within a molecular cloud which
may potentially form an individual star (or system) by gravitational collapse (e.g. Motte
et al. 1998; André et al. 2000; Di Francesco et al. 2007; Ward-Thompson et al. 2007).
Known prestellar cores are observed at the bottom of the hierarchy of interstellar cloud
structures and depart from Larson (1981)’s self-similar scaling relations. They are the
smallest units of star formation (e.g. Bergin & Tafalla 2007) and correspond to “coher-
ent” regions of nearly constant and thermal velocity dispersion which do not obey Larson
(1981)’s power-law linewidth vs. size relation (Myers 1983; Goodman et al. 1998; André
et al. 2007). To first order, known prestellar cores have simple, convex (and not very
elongated) shapes, and their density structure approaches that of Bonnor-Ebert isother-

I filamenti sono universali

André, 2013, 2017
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Figure 6. Top: Close-up column density image of a small subfield in the Aquila Rift complex
showing several candidate prestellar cores identified with Herschel (adapted from Könyves et
al. 2010). The black ellipses mark the major and minor FWHM sizes determined for these cores
by the source extraction algorithm getsources (Menshchikov et al. 2010, 2012). Four protostellar
cores are also shown by red stars. The e↵ective resolution of the image is ⇠ 18” or ⇠ 0.02 pc
at d ⇠ 260 pc. Bottom: Core mass function (blue histogram with error bars) of the ⇠ 500
candidate prestellar cores identified with Herschel in Aquila (André et al. 2010 and Könyves
et al. 2010). The IMF of single stars (corrected for binaries – e.g. Kroupa 2001), the IMF of
multiple systems (e.g. Chabrier 2005), and the typical mass spectrum of CO clumps (e.g. Kramer
et al. 1998) are shown for comparison. A log-normal fit to the observed CMF is superimposed
(red curve); it peaks at ⇠ 0.6M�, close to the Jeans mass within marginally critical filaments
at T ⇠ 10 K (cf. § 6).
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al. 2010). The black ellipses mark the major and minor FWHM sizes determined for these cores
by the source extraction algorithm getsources (Menshchikov et al. 2010, 2012). Four protostellar
cores are also shown by red stars. The e↵ective resolution of the image is ⇠ 18” or ⇠ 0.02 pc
at d ⇠ 260 pc. Bottom: Core mass function (blue histogram with error bars) of the ⇠ 500
candidate prestellar cores identified with Herschel in Aquila (André et al. 2010 and Könyves
et al. 2010). The IMF of single stars (corrected for binaries – e.g. Kroupa 2001), the IMF of
multiple systems (e.g. Chabrier 2005), and the typical mass spectrum of CO clumps (e.g. Kramer
et al. 1998) are shown for comparison. A log-normal fit to the observed CMF is superimposed
(red curve); it peaks at ⇠ 0.6M�, close to the Jeans mass within marginally critical filaments
at T ⇠ 10 K (cf. § 6).

Correlazione con la Funzione di Massa Iniziale
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⭐ Distribuzione masse di una 
popolazione di stelle di giovani in 
base alla massa iniziale al 
momento della formazione

⭐ Numero di stelle di massa M/pc3
Where can the IMF be measured best?

in young star clusters...

Lifetimes of main sequence stars:

     1 Msun      1  x 1010  yrs 

     3 Msun       6 x 108   yrs

   10 Msun       3 x 107  yrs

   30 Msun       2 x 106  yrs

 100 Msun       1 x 105  yrs

 ⇒ Masses are still present over the 

     entire mass range.

Young star clusters -- best right after emerging from their parent cloud --

are the ideal places to measure the IMF. 

     ⇒ initial masses over the entire mass range at birth 

    ⇒ no evolutionary effects yet, stellar evolution & SNe can be ignored
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Funzione di Massa Iniziale
Pleiadi, ammasso di età ~ 100 milioni di anni

objects with spectral types later than M7 may be sig-
nificantly underestimated by the current NextGen and
Dusty models and that the number of objects in this low-
est mass bin may be overestimated. By applying the em-
pirical magnitude-mass relation given by Dobbie et al.
(2002; their Fig.3) for the Pleiades low mass stars and
brown dwarfs, we find that the lowest mass point of the
Pleiades MF goes down whereas higher mass points go up
(see Fig. 1). The log-normal fit does not change however
and becomes even better.

Fig. 1. The Pleiades mass function. The open triangles
are from the Prosser and Stauffer Open Cluster Database
and the filled circles are the data points from Moraux et al.
(2003). The open squares have been obtained by applying
the empirical magnitude-mass relation given by Dobbie et
al. (2002). The log-normal fit (eq. 2) found by Moraux et
al. (2003) is shown as a solid line.

Even if this dust effect has still to be investigated, it sug-
gests that the lowest mass point of the Pleiades MF may
come down in the future and we consider the log-normal
distribution as a good approximation of the observed MF
in this mass domain.
For m >

∼ 2M⊙ however, this fit does not seem to be steep
enough. The 2-4M⊙ MF points are more than 2-sigma
below the log-normal fit.

4. Comparison models/observations

4.1. The mass function

The system MFs at t = 100 Myr resulting from the dy-
namical and stellar evolution of KAH’s models, assuming
random pairing and a binary fraction ftot = 1 at t = 0 are
compared to the log-normal fit of the observed Pleiades
MF in Fig. 2 over the entire mass range. The system MF

from model A (resp. model B) is shown as a dashed (resp.
dotted) histogram.

Fig. 2. Comparison of the log-normal fit of the observed
Pleiades MF (shown as a solid line) to the model MFs. The
dashed (dotted) histogram represents the system mass
function at an age of 100 Myr from model A (B) of KAH
for all systems within R≤15 pc of the model cluster center.
They have been scaled to match the Pleiades data around
m ≃ 1M⊙.

Both models reproduce well the log-normal distribution
for m >

∼ 0.1M⊙ which indicates that the observed MF
(data points in Fig. 1) is also steeper than the model MF
for m >

∼ 2 M⊙. This discrepancy cannot be the effect of the
stellar evolution since the models include its treatment but
may indicate that the true stellar IMF in the Pleiades may
have been steeper than Salpeter (α = 2.35) above 2 M⊙.
It is useful to note that the KAH models do not constitute
a fit but are a prediction of the Pleiades MF in the stellar
and the sub-stellar regime under the assumption that the
Pleiades IMF was identical to the standard IMF (eq. 1;
Kroupa 2001). Our result here suggests that this may in-
deed have been the case except for the possibly steeper
IMF for m >

∼ 2 M⊙.
For m <

∼ 0.1M⊙ down to the sub-stellar regime, model A
yields a better fit than model B which suggests that the
Pleiades may not have formed from an embedded cluster
as concentrated as model B. The larger number of isolated
BD systems predicted by model B compared to model A
in Fig. 2 results from the early release of brown dwarf
companions from their primary in the initially denser en-
vironment of model B. The observed period-distribution
of late-type Pleiades binaries seems also to be better re-
produced with model A for P ≤ 106 days (see KAH, their
Fig.11), although an intermediate model in terms of cen-
tral density would lead to improved agreement for longer
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Prima della fusione dell’idrogeno nel nucleo: traccia di Hayashi
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Protostelle giovani e attive

AA54CH05-Hartmann ARI 26 August 2016 6:43
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Figure 11
(a) Spectral energy distribution (SED) of the classical T Tauri star GO Tau. The blue/near-ultraviolet excess over the stellar
photosphere indicates the presence of accretion, and the excess emission at long wavelengths is produced by stellar and accretion shock
irradiation of the disk and its inner wall. The silicate emission features at 10 µm and 18 µm indicate a vertical temperature inversion, as
expected from external heating of the disk. (b) Steady accretion disk model SED for FU Ori compared with observations. In contrast to
the T Tauri disk, the absorption lines and molecular bands of the FU Ori disk show that it is internally heated out to radii of order
1 AU. Radiation from the inner disk heats the upper disk layers at larger radii, producing the silicate emission features. Proceeding
from short to long wavelengths, data from the Hubble Space Telescope, ground-based spectroscopy and photometry, SpeX, and the IRS
spectrometer on the Spitzer Space Telescope are shown. Adapted from McClure et al. (2013), Zhu et al. (2007), and Zhu et al. (2009a)
with permission. Courtesy of Melissa McClure and Zhaohuan Zhu.

∼10−5–10−4 M⊙ · year−1. The extended reflection nebulae and/or large extinction of these sources
suggest that they represent a (perhaps late) protostellar phase.

The FU Ori objects do not show the signatures of magnetospheric accretion discussed previ-
ously, although the few pre-outburst spectra available are consistent with magnetospheric accretion
(e.g., Miller et al. 2011). Instead, their accretion luminosities can be inferred from the emission
from their self-luminous disks (Figure 11), or, for systems that are embedded in a dense dusty
envelope, from far-IR luminosities. This is unlike the situation with T Tauri stars whose disks are
mostly heated by radiation from the central star and accretion shock.

The most detailed studies have been made of FU Ori itself (Figure 11b). Highly detailed
modeling of its spectral energy distribution (Zhu et al. 2007, Hartmann et al. 2011), coupled with
measurements of rotation out to 4.6 µm (Zhu et al. 2009a), indicate that high surface (effective)
temperatures of !1,000 K extend out to nearly ∼1 AU. This result suggests that the magnetoro-
tational instability (MRI) is thermally activated over this region, consistent with the absorption
features expected for disks internally heated by viscous dissipation. The decay timescale for the
outburst, coupled with the estimate of the active region, leads to an estimate of α ≈ 0.1, consistent
with numerical simulations of the MRI (Zhu et al. 2007). FU Ori also has a strong wind with a
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Accretion shock
Accretion flows

Inner 
gas disk

Hot continuum 
emission (T ≈ 8,000 K);
some narrow lines;
X-rays?
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dust wall
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?

Dusty disk

Disk wind/jet Low-velocity 
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Figure 1
Schematic view of a young star accreting from a disk through the stellar magnetosphere. The strong stellar
magnetic field produces large starspots and truncates the disk at a few stellar radii. Magnetic field lines
connected with the disk channel material at near free-fall velocities that then shocks at the stellar surface;
other magnetic field lines unconnected with the disk produce coronal X-ray emission and/or (unobserved)
stellar wind. Some field lines may become twisted by differential rotation between disk and star, causing field
lines to bulge out or even eject matter. The inner disk (!1 AU) produces a bipolar flow or jet, driven by
accretion energy; a wind may also be needed to drive disk accretion at larger radii. In general, the
mechanisms for transporting mass and angular momentum throughout the disk are uncertain.

address the less-well understood accretion in the protostellar phase. Our discussion focuses on
stars of masses !5 M⊙; higher-mass stars probably also accrete from disks at early times, but much
less is known about such accretion, and we do not address this topic here.

2. PRE-MAIN-SEQUENCE MAGNETOSPHERIC ACCRETION

2.1. Overview

Figure 1 shows a schematic view of our current picture of magnetospheric accretion onto young
(1 ! t ! 10 Myr) low-mass (!1 M⊙) stars. Material from a circumstellar disk of dust and gas
is transported inward by some mechanism (Section 3) to the vicinity of ∼0.1 AU. Interior to
this radius, disk temperatures rise above ∼1,000 K due to heating by the radiation field of the
central star, and the dust begins to sublimate; at this dust destruction radius, the inner edge of this
dust wall reradiates the energy it absorbs, accounting for much of the observed near-IR excesses.
The accretion disk is then truncated by the stellar magnetosphere at a few stellar radii. Matter
accretes onto the star, guided by the magnetic field lines in accretion columns or funnel flows.
The gas in these columns is heated to temperatures of ∼8,000 K or above by some unknown
but presumably magnetic mechanism, producing the observed broad emission lines. The infalling
gas moves at essentially free-fall velocities of order 300 km · s−1 by the time it shocks near the
stellar photosphere. The resulting shock heats the gas briefly to temperatures of order 106 K;
most of the resulting X-ray emission is absorbed and reradiated at lower temperatures, producing
strong ultraviolet-optical continuum excesses along with some relatively narrow emission lines
(Section 2.2; see also the sidebar Accretion Versus Stellar Magnetic Activity).

Emission from the shock is thought to explain the excess continuum fluxes relative to the pho-
tospheres observed in young stars. This excess is especially conspicuous at ultraviolet wavelengths,
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Figure 2
(a) Schematic diagram of accretion shock structure showing the precursor or preshock region, the postshock or cooling region, and the
heated photosphere below the shock. (b) Spectral energy distribution of the classical T Tauri star BP Tau ( gray solid line), stellar
photosphere (blue line), and accretion shock model (red line) showing contributions from the preshock ( gray dotted line) and heated
photosphere–postshock ( gray dashed line) regions. Shock model courtesy of L. Ingleby.

The structure and continuum emission of the accretion shock region can be estimated from
simple physical principles. The column is generally divided into three subregions shown schemat-
ically in Figure 2a: the precursor or preshock region, the postshock or cooling region, and the
heated photosphere below the shock (Stahler et al. 1980; Lamzin 1995a, 1998; Calvet & Gullbring
1998; Gullbring et al. 2000; Günther et al. 2007b). The shock emits 1

2 of its energy downward
into the postshock region and photosphere and 1

2 upward into the preshock region, which repro-
cesses this energy, sending back down ∼ 1

2 of it. The heated photosphere is then irradiated with
∼ 3

4 of the shock energy, reprocesses it into longer wavelengths, and emits it upward. With no
significant absorption in the cooling region, the energy emerging from the region is then ∼ 1

4 of
the shock energy from the preshock region plus ∼ 3

4 of the energy from the heated photosphere
and postshock region (Lamzin 1995a, 1998; Calvet & Gullbring 1998).

Matter heated to temperatures given by Equation 4 cools down, decelerates, and gets denser
in the postshock region. The thickness of this region, subject to radiative cooling in X-rays and
ultraviolet lines, can be estimated as lpost = vposttrad, with vpost = 1

4 vs and with cooling time
trad = 6.7 × 103T 3/2/ne s, which is appropriate for optically thin cooling (Sacco et al. 2008). With
the electron density ne equal to 4 times the density of the preshock region, we obtain

lpost = 7 × 105 Ṁ −1
−8 M 5/4

0.5 R−1/2
2 f0.01 cm, (7)

much smaller than the stellar radius, justifying the plane-parallel approximation. The postshock
gas merges into the star through a region akin to the stellar photosphere but significantly altered
by being heated from above by ∼ 3

4 of the shock energy. We can estimate its emission by assuming
that its effective temperature is given by ∼(3F/4σ )1/4, where F is the energy flux carried by the
column,

F = 1
2
ρv3

s ≈ 1.7 × 1011 Ṁ −8 M 0.5 R−3
2 f −1

0.01 erg · cm−2 · s−1, (8)
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⭐ I getti sono collegati al processo di
accrescimento e rotazione

⭐ L'emissione di getti avviene perché la loro
velocità raggiunge quella di
fuga dall'oggetto centrale.

⭐ Dai dischi e accrescimento si generino
dei campi magnetici che collimano i getti.

⭐ I meccanismi sono poco noti in dettaglio
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A number of individual flaring events of particular interest
are discussed in detail in the Appendix, where the individual
light curves and the time evolution of the spectral parameters
are also shown.

4.1. Detailed Simulation of the Flare on COUP 1343

Although the method used here has been widely applied in
the literature, and its reliability tested for example in the case of
the eclipsed flare observed by BeppoSAX on Algol (Schmitt &
Favata 1999; Favata & Schmitt 1999), as discussed in the above
section, no previous analysis based on this approach has resulted
in such large loop sizes (of order ’ 0.1 AU). It is thus legitimate to
ask (1) whether such gigantic loops can be still described with
standard loop models, closed magnetic structures where plasma
is confined and moves and transports energy along the magnetic
field; and (2) whether the diagnostics we are using (in particular
the slope ! in the log T log

ffiffiffiffiffiffiffiffi
EM

p
plane) are still valid. To check

on the applicability of the method to such extreme regimes, and
to validate its use on the present sample, we have modeled one of
the well-resolved large flares from the COUP sample in de-
tail. We have used a time-dependent hydrodynamic model of

plasma confined inside a coronal loop, as already done for other
more regular stellar flares (Reale et al. 1988, 2004).
We have chosen to model the large event on COUP 1343, in

which the peak count rate is approximately 30 times larger than
the characteristic rate and which appears, from the analysis per-
formed using the approach described in x 3.3, to have evidence
for little sustained heating. The event lasts some 130 ks, and both
the rise phase and most of the decay are not interrupted by gaps in
the observations. Additionally, the decay in the log T log

ffiffiffiffiffiffiffiffi
EM

p

plane is well defined. The event and its analysis with the analysis
method used here (as described in x 3.3) is shown in Figure 1.
To model the event on COUP 1343 in detail, we have as-

sumed the plasma to be confined in a loop with constant cross
section and half-length L ¼ 1012 cm, symmetric around the
loop apex. The flare simulation is triggered by injecting a
heating pulse in the loop, which is initially at a temperature of
"20 MK (which is the dominant temperature in the character-
istic spectrum as well as the temperature observed at the end of
flare decay). We have chosen to deposit two heat pulses with a
Gaussian spatial distribution of intensity 10 ergs cm#3 s#1 and
width 1010 cm (1/100 of the loop half-length) at a distance of

Fig. 3.—Results of the detailed hydrodynamic modeling of the large flare on COUP 1343. The top left panel shows the flare’s light curve (as seen by ACIS), the top
right panel the evolution of the emission measure, and the bottom left panel the evolution of the temperature. The bottom right panel shows the evolution of the flare in
the log T log

ffiffiffiffiffiffiffiffi
EM

p
plane. Solid and dashed lines show the evolution of parameters from the hydrodynamic model, while points with vertical error bars are the values

determined from the time-resolved spectral analysis of COUP 1343.
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